The majority of discovered exoplanetary systems harbour a new class of planets, bodies that are typically several times more massive than the Earth but that orbit their host stars well inside the orbit of Mercury. The origin of these close-in super-Earths and mini-Neptunes is one of the major unanswered questions in planet formation. Unlike the Earth, whose atmosphere contains less than 10 −6 of its total mass, a large fraction of close-in planets have significant gaseous envelopes, containing 1−10 per cent or more of their total mass. It has been proposed that close-in super-Earths and mini-Neptunes formed in situ either by delivery of 50−100M ⊕ of rocky material to the inner regions of the protoplanetary disc, or in a disc enhanced relative to the minimum mass solar nebula. In both cases, the final assembly of the planets occurs via giant impacts. Here we test the viability of these scenarios. We show that atmospheres that can be accreted by isolation masses are small (typically 10 −3 − 10 −2 of the core mass) and that the atmospheric mass-loss during giant impacts is significant, resulting in typical postgiant impact atmospheres that are 8 × 10 −4 of the core mass. Such values are consistent with terrestrial planet atmospheres but more than an order of magnitude below atmospheric masses of 1 − 10 per cent inferred for many close-in exoplanets. In the most optimistic scenario in which there is no core luminosity from giant impacts and/or planetesimal accretion, we find that post-giant impact envelope accretion from a depleted gas disc can yield atmospheric masses that are several per cent the core mass. If the gravitational potential energy resulting from the last mass doubling of the planet by giant impacts is released over the disc dissipation time-scale as core luminosity, then the accreted envelope masses are reduced by about an order of magnitude. Finally we show that, even in the absence of type I migration, radial drift time-scales due to gas drag for many isolation masses are shorter than typical disc lifetimes for standard gas-to-dust ratios. Given these challenges, we conclude that most of the observed close-in planets with envelopes larger than several per cent of their total mass likely formed at larger separations from their host stars.
INTRODUCTION
In recent years, it has become clear that planets more massive than Earth but less massive than Neptune are amongst the most common planets in our Galaxy (Howard et al. 2010; Borucki et al. 2011; Batalha et al. 2013 ). Based on their bulk density, it has been inferred that many of these planets, which typically orbit their host stars at semimajor axes of less than 0.1 AU, consist of rocky or icy cores surrounded by large H/He envelopes (Adams et al. 2008; Lopez & Fortney 2014) . In some cases, these envelopes comprise tens of per cent or more of the overall planet mass and have radii commensurate with the core radius (by comparison, Earth's atmosphere makes up about 10 −6 of its total mass and 10 −3 its total E-mail: inamdar@mit.edu radius). How these close-in planets formed, however, remains an outstanding question in planet formation.
In order to understand the origin of super-Earths and miniNeptunes, recent work has considered the in situ accretion of gas envelopes by fully-formed cores of several Earth masses. Lopez et al. (2012) focused on modelling the thermal evolution of miniNeptunes to determine the composition and structure of the Kepler-11 system. Lopez & Fortney (2014) investigated the thermal evolution and structure of mini-Neptunes in general, and calculated mass-radius relationships that were then used to determine core and envelope masses and radii for a number of observed exoplanets. Bodenheimer & Lissauer (2014) and Rogers et al. (2011) considered the accretion and evolution of mini-Neptunes over a variety of semimajor axes. In their models, the core luminosity is provided by accreting planetesimals (which do not appreciably change the core mass), and they conclude that formation further out in the disc is likely. Ikoma & Hori (2012) likewise considered gas accretion by a fully-formed core in the presence of a dissipating gas disc, assuming that the planetary cores first migrated inwards and accreted their envelopes in situ.
A common assumption of all these investigations is that the planetary cores have already formed before they proceed to accrete their gaseous envelopes. However, planet formation is likely to have passed through several, distinct phases [e.g. (Safronov 1972; Goldreich et al. 2004)] , and the core masses that can be attained in the inner disc by accreting all the solids locally available are typically much less than that of the Earth. Assuming a shear-dominated velocity dispersion, the isolation mass Miso that can form in the absence of migration at a semimajor axis a is given by Miso = 4πa 2 CΣs
where M is the mass of the host star and Σs is the surface density of solids in the disc. C is a constant that describes the radial extent of the isolation mass's feeding zone in units of Hill radius. The Hill radius, which defines the extent over which the gravitational force of the planet overcomes tidal interactions with the host star, is given by rH = a (Miso/3M ) 1/3 .
In the outer disc, at several tens of AU, Miso is on the order of a Neptune mass for a minimum mass solar nebula (MMSN) type disc (Hayashi 1981) . In the inner disc, however, the corresponding isolation masses are only a fraction of an Earth mass. Forming terrestrial planets or larger cores in the inner disc therefore requires an additional stage of assembly, in which collisions called giant impacts (Chambers & Wetherill 1998; Agnor et al. 1999 ) between protoplanets ultimately result in the formation of several terrestrial planet-mass bodies (Chambers 2001; Raymond et al. 2004 ). Furthermore, while it may seem possible that an arbitrary increase in disc solid density can allow for isolation masses in the inner disc of several M⊕, it has been shown that for standard gas-to-dust ratios, the corresponding gas disc is unstable for a significant fraction of observed exoplanets within 0.1 AU of their host star (Schlichting 2014) .
The necessity of giant impacts to assemble sufficiently large masses in the inner disc has motivated the development of models in which close-in super-Earths and mini-Neptunes form in situ via giant impacts. In one proposed scenario, 50 − 100M⊕ of rocky material is delivered to the inner part of the protoplanetary disc (Hansen & Murray 2012) , while in another, the protoplanetary disc has surface densities enhanced relative to the MMSN (Chiang & Laughlin 2013) . In both cases, the final assembly of the planets occurs via giant impacts. Here we test the viability of such in situ formation scenarios by examining how much gaseous envelope could have been accreted by planetary embryos before giant impacts, how much could be retained throughout the giant impact phase, and how much could have subsequently been accreted from a depleted disc after the giant impact phase.
This paper is structured as follows. In Section 2, we calculate atmospheric masses accreted by isolation masses for various semimajor axes. In Section 3, we calculate both the local and global atmospheric mass-loss as a function of impactor mass and velocity for planets with various atmosphere-to-core mass ratios. In Section 4, we construct a giant impact history and calculate atmospheric masses that can be retained throughout the giant impact phase using the results from Section 3. In Section 5, we explore the possibility that envelope accretion occurred after giant impacts in a depleted gas disc. Discussion and conclusions follow in Section 6.
ACCRETION OF ENVELOPES BY ISOLATION MASSES

Isolation Masses
To determine Miso for a typical close-in planet, we first calculate the minimum surface density of solids Σs in the disc needed to form the planet in situ with giant impacts. For a planet of mass Mp, Σs = Mp/ (2πa∆a), where for giant impacts, the annulus width ∆a 2vesc/Ω (Schlichting 2014) . Here, vesc = 2GMp/Rp is the escape velocity of the planet and Ω = GM /a 3 is the Keplerian frequency of its orbit. To calculate vesc, we use the massradius relationship (Lissauer et al. 2011a )
which is appropriate for Earth-to Neptune-sized planets. Using Eq.
(1), we then calculate the corresponding isolation mass Miso.
In Fig. 1 , we show the isolation masses for observed exoplanets. Assuming that the planets formed at their observed semimajor axis and that their isolation masses were later merged by giant impacts to yield the observed Kepler planets, the isolation masses for close-in planets are between 0.1 and 5M⊕. We also map the corresponding disc surface density Σs to an enhancement relative to that of the MMSN, which we denote Σ/ΣMMSN. For a typical close-in planet with an assembled mass of about 4.5M⊕ at 0.1 AU, Miso has a median value of 0.6M⊕, corresponding to a disc enhanced relative to the MMSN by a factor of roughly Σ/ΣMMSN = 20 (blue cross).
Atmospheric Accretion Model
The envelope mass Matm is given by
where r is the distance measured outward from the centre of the core, Rcore is the radius of the core, and ρ is the density profile of the envelope. The amount of gas that an isolation mass core can accrete also depends on the extent of its Hill or Bondi radius, the smaller of which is denoted rmin. The Bondi radius rB describes the range over which the escape velocity of the core is greater than the sound speed cs of the gas. If G is the gravitational constant, then rB = 2GMcore/c 2 s . The core mass M * core at which rmin transitions from the Bondi radius to the Hill radius is calculated by setting rB = rH , yielding
Here, kB is the Boltzmann constant, µ is the molecular mass of the gas (taken to be 2.34), mp is the proton mass, and γa is the adiabatic index of the gas, which we assume is 7/5, appropriate for a diatomic gas. Eq. (4) implies that if Mcore is less than M * core , then rmin is given by rB, and if Mcore is greater than M * core , then rmin is given by rH . We assume that the core radius, Rcore, is related to Mcore as Figure 1 . Isolation masses M iso for detected exoplanets at their current orbital distances. Isolation masses M iso for all detected exoplanets relative to an Earth mass, M ⊕ , are shown as grey circles. Close-in super-Earths and mini-Neptunes, exoplanets with semimajor axes less than 1 AU and with masses greater than an Earth mass but less than a Neptune mass, are highlighted as red squares. On the right-hand axis, we map Σs for isolation masses to a protoplanetary disc surface density enhancement relative to that of the minimum mass solar nebula (denoted Σ/Σ MMSN ). For a typical close-in planet with an assembled mass of about 4.5M ⊕ at 0.1 AU, M iso has a median value of 0.6M ⊕ (blue cross). Exoplanet data taken from exoplanet.eu data base (Schneider et al. 2011). which is consistent with results from both observations (Lopez & Fortney 2014; Lissauer et al. 2011b ) and planetary interior massradius models for planets composed primarily of rocky material (Seager et al. 2007 ). Eq. (5) also implies that for some Mcore, rmin becomes smaller than Rcore, in which case the isolation mass cannot accrete any envelope. In the inner disc, where Mcore < M * core , this occurs when
We assume that the surface density of solids in the disc is given by Σs = Σs,1 (a/AU) −3/2 , while the surface density of gas is given by Σg = Σg,1 (a/AU) −3/2 . For accretion of gaseous envelopes, we assume throughout this paper that gas surface densities are enhanced by a factor of 200 relative to the solid disc surface densities so that for a disc enhanced relative to the MMSN by a factor of 20, Σs,1 = 140 g/cm 2 and Σg,1 = 28, 000 g/cm 2 . In our disc model, the temperature T disc is assumed to be uniform at 1500 K out to 0.1 AU, beyond which T disc scales as a . The vertical structure of the disc is assumed locally isothermal, so that if Ω is the Keplerian angular velocity, the scale height H = cs/Ω and ρ disc Σg/ (2H). When calculating atmospheric structure, care must be taken to ensure rmin < H, since for rmin > H, the core will no longer accrete spherically. For our disc model, we have verified that for semimajor axes of typical close-in Kepler planets (0.03 − 0.3 AU; see, e.g., Fig. 1 ) rmin is less than H for the vast majority of isolation masses shown in Fig. 1 , such that our assumption of spherical accretion is valid. We find that at 0.03 AU, rmin becomes comparable to H only for isolation masses of 4M⊕ and larger.
Analytically-Calculated Adiabatic Envelope Masses
To calculate the structure of the accreted envelope, we use the disc density, pressure, and temperature (ρ disc , p disc , and T disc , respectively) as boundary conditions at rmin and integrate the equations of hydrostatic equilibrium inward to Rcore. The accreted envelope will typically have an outer layer in radiative equilibrium with the disc, while the inner portion of the envelope is in adiabatic equilibrium. In the inner disc ( 0.1 AU), where disc gas densities and opacities are sufficiently high, the radiative layer of the envelope contributes negligibly to the total atmospheric mass, and the envelope can be regarded as essentially adiabatic (Rafikov 2006) . In this case, the density, pressure, and temperature of the envelope are given by
where r is measured outward from the core centre and where λ = GMcoreµ/ (rminkBT disc ) is the escape parameter at rmin. For an adiabatic envelope, to good accuracy, we can approximate the envelope mass Matm as simply 4πρ disc r 3 min /3. When Mcore M * core (so that rmin = rB), the envelope to core mass ratio can therefore be approximated by
Σg,1 28, 000 g/cm 2
On the other hand, if Mcore M * core , so that rmin = rH , we have
Fig. 2 demonstrates the accuracy of Eqs. (7) compared to the more rigorous calculations we detail below.
Numerically-Calculated Radiative-Convective Envelope Masses
Although in the inner disc the accreted envelope may be regarded as adiabatic, in the outer disc or in a partially depleted disc (see Section 5), the radiative component of the atmosphere contributes significantly to the total atmospheric mass. When this is the case, we must numerically integrate the equations of hydrostatic equilibrium and flux conservation. For our numerical calculations, the density, pressure, and temperature profiles of accreted envelopes are calculated using a fourth-order Runge-Kutta method. If we assume an ideal gas equation of state, then the equation of hydrostatic equilibrium dp dr
and that of flux conservation
allow us to solve for the envelope structure. κR is the Rosseland mean opacity of the gas in the envelope, σ is the Stefan-Boltzmann constant, and L is the luminosity in the envelope. Eq. (11) implies radiative equilibrium, which will not be the case if the lapse rate is such that the envelope is locally unstable to convection. Thus, during numerical integration, if for a given r Eqs. (10) and (11) imply d log T /d log P (γa − 1) /γa, then we replace Eq. (11) with d log T /d log P = (γa − 1) /γa, so that locally, adiabatic equilibrium holds. Where this transition occurs in the envelope defines the radiative-convective boundary.
For the parts of the envelope in radiative equilibrium, we use the analytic expressions for dust grain opacity κ R,dust and molecular scattering opacity κ R,mol given by Zhu et al. (2009) to calculate κR. At temperatures 1800 K, dust grains sublimate, and we expect molecular scattering to be the dominant source of opacity (Movshovitz et al. 2010) . At temperatures lower than this, both molecular scattering and grain opacity are accounted for. We assume in the latter case that opacities can be summed, so that κRρ = (κ R,dust /200 + κ R,mol ) ρ. The factor of 1/200 arises because we assume that the density of dust grains in the atmosphere is 200 times less than the gas, consistent with the dust to gas ratio in the disc. Grain opacity will tend to dominate in the cooler outer envelope, which is also the portion of the envelope in radiative equilibrium with the disc.
Accretion Luminosities
The luminosity L can arise from several possible sources. Luminosity may be provided by the core (either through radiogenic heating or by energy released from core accretion) and/or from changes in the gravitational and internal energy of the envelope during cooling and contraction. We therefore consider two limiting cases for the luminosity. Case 1. In the first case, we assume that the luminosity is due to core accretion. L is given by Lacc = GMcoreṀcore/Rcore, whereṀcore is the core mass accretion rate. We takė Mcore = Mcore/τacc, where, following Eq. (A2) of Rafikov (2006) , the accretion time-scale τacc appropriate for an isolation mass is given by τacc = 30 kyr
Using Eq. (5), we find
. (12) For a typical close-in planet isolation mass of 0.6M⊕ at 0.1 AU, Lacc ≈ 1.9 × 10 27 erg/s. We consider this case an upper limit on the accretion luminosity because the accretion time-scale is short relative to typical disc lifetimes. Using this limit essentially assumes that the start of planet formation is delayed and that accretion proceeds until the gas disc dissipates and giant impacts set in. When L = Lacc, the cooling time-scale τ cool for the accreted envelope is on the order of 10 7 − 10 8 yr (Rafikov 2006) , while the disc lifetime is on the order of 10 6 yr [e.g., (Hillenbrand 2005) ]. Hydrostatic equilibrium is established on the order of the sound crossing time rmin/cs (< 1 yr), so that in this case, we neglect the time evolution of the envelope structure and consider only hydrostatic equilibrium.
To verify our methods, we compared our results to those reported by Bodenheimer & Lissauer (2014) and Rafikov (2006) . Using the Bodenheimer & Lissauer (2014) accretion model, and the disc temperatures and surface densities used for their Runs 2, 1, and 0.5 (corresponding to accretion at semimajor axes of 2 AU, 1 AU, and 0.5 AU by cores of mass 2.15M⊕, 2.20M⊕, and 2.20M⊕, respectively), we find Matm/Mcore = 0.031, 0.010, and 0.034, respectively. Bodenheimer & Lissauer (2014) calculate M atml /Mcore = 0.025, 0.025, and 0.017, within a factor of 2 − 3 of our results. It is likely that differences between the two models arise from different prescriptions of rmin and different opacity models. We also checked our calculations against those of Rafikov (2006) . Using the disc, opacity, and accretion models described in Rafikov (2006) , we find, for example, that for a 1M⊕ core, Matm = 1.02 × 10 26 g at 0.1 AU assuming a slow accretion time-scale (τacc = 30 kyr); Matm = 7.17 × 10 24 g assuming a medium accretion time-scale at 1 AU (τacc = 140 kyr); and Matm = 2.50 × 10 24 g assuming a fast accretion time-scale at 10 AU (τacc = 300 kyr). All three results are indistinguishable from those presented in Fig. 6 of Rafikov (2006) . Case 2. In the second case, we assume Lacc = 0. Here instead L evolves according to
where RCB denotes the radiative-convective boundary and S is the specific entropy of the envelope at r (Piso & Youdin 2014) . In this case, L is dominated by the change in the internal and gravitational energy of the envelope interior to the radiative-convective boundary as the envelope contracts. Following Lee et al. (2014) , we assume that the envelope is initially adiabatic after which it cools and the radiative-convective boundary evolves inwards. We solve the equations of hydrostatic equilibrium for a range of L and follow the time evolution of the envelope structure and mass using Eq. (13). It is necessary to cut off the envelope evolution and gas accretion at a time commensurate with the disc lifetime. For our pre-giant impact gas accretion calculations, we do this at τ disc ∼ 2 Myr, though we note that our calculations are insensitive to this cutoff time to within a few Myr. This case corresponds to an upper bound for the atmospheric mass a core can accrete. As the envelope cools, the radiativeconvective boundary moves inwards and the envelope accretes more gas. The rate of cooling will be regulated by several factors: the depth of the radiative-convective boundary with respect to rmin, the opacity of the radiative layer, and the atmospheric mass. The contribution of an additional luminosity from the core, however, effectively delays this cooling, limiting the additional atmospheric mass that can be added over the lifetime of the gas disc.
Isolation Mass Gas Accretion Results
In Fig. 2 , we show Matm/Mcore calculated over a range of Mcore consistent with close-in planet isolation masses, at semimajor axes of 0.03 AU, 0.1 AU, and 0.3 AU (see, e.g. Fig. 1 ). In thick dashed lines, we show atmospheric masses calculated assuming a fully adiabatic envelope using Eqs. (7). In thick solid lines, we show atmospheric masses calculated numerically assuming L = Lacc, where the accretion luminosity Lacc is given by Eq. (12). In thin dashed lines with circular markers, we show atmospheric masses calculated numerically assuming Lacc = 0, with the evolution of L governed instead by Eq. (13). For a typical close-in planet isolation mass of Mcore = 0.6M⊕ at 0.1 AU, we find Matm/Mcore ≈ 4 × 10 −3 . Fig. 2 shows that in the inner disc envelopes are mostly adiabatic with only a small outer radiative layer that contains negligible mass. This is due to the increased gas densities and hence opacities in the inner disc. It is only at larger semimajor axes (e.g., the Lacc = 0 case at 0.3 AU in Fig. 2 ) that we see a significant contribution to the total atmospheric mass from the outer radiative layer. The difference in atmospheric mass between all the modelled cases is small. This is due to increased densities and hence opacities at smaller semimajor axes, which yields almost adiabatic envelopes and inhibits significant cooling for isolation mass cores.
Here, for cores that are sufficiently massive (Mcore 0.3M⊕), decreased opacities allow the envelope to cool, contract, and accrete larger atmospheric masses. 
GIANT IMPACT-INDUCED HYDRODYNAMIC ESCAPE
In Section 2, we calculated the atmospheric structure and mass that an isolation mass accretes in the presence of the full protoplanetary disc. For a typical close-in planet at 0.1 AU, Miso is about 0.6M⊕ (Fig. 1) . If a close-in planet forms in situ, in order form a core of Mcore M⊕, a planetary embryo must undergo an additional stage of assembly-giant impacts-in order to achieve observed masses. Giant impacts between protoplanets, however, can lead to atmospheric mass-loss by the planetary embryos. A collision between an impactor and a planetary embryo generates a shock wave that travels through the interior of the target core. This shock wave subsequently initiates ground motion over the surface of the core, which in turn launches a shock into the atmosphere. This can Figure 3 . Schematic of giant impact-induced atmospheric loss. An impactor of mass m imp and velocity v imp approaches a planetary embryo of core mass Mcore and escape velocity vesc (left-hand panel). The collision generates a shock wave that propagates through the interior of the embryo core (right-hand panel). As this interior shock wave travels through the core, it subsequently initiates a global ground motion of the planet. This ground motion then launches a shock into the atmosphere above it, potentially leading to hydrodynamic escape.
lead to ejection of all or part of the atmosphere (Fig. 3) . In Section 3.1, we thus calculate the local atmospheric mass-loss fraction (which we denote χ local ) as a function of local ground velocity, and use these results to calculate the global atmospheric loss fraction χ global (Section 3.2). Previous work has focused on atmospheric loss in thin or plane-parallel atmospheres (Genda & Abe 2003; Schlichting et al. 2015) . Here we consider the regime applicable to close-in exoplanets, in which the envelope radius is a substantial fraction of the core radius and in which curvature effects become non-negligible.
Local Atmospheric Loss
In order to determine the mass-loss fraction of an envelope as a function of ground velocity and atmospheric mass, we perform numerical simulations of ground motion-induced shock propagation through an atmosphere. The Lagrangian equations of motion of the atmosphere are
where r is the distance from the centre of the core, m is the mass enclosed in a mass shell at r, ρ is the bulk density of the atmosphere, u is the velocity, p is pressure, and t is time. Here, M (< r) is the atmospheric mass interior to r. Since radiative losses are negligible, we assume that the shock propagates adiabatically, in which case the equation of state is
where γ is the adiabatic index of the fluid flow. We work within a Lagrangian framework, so that parametrizing the hydrodynamic equations in terms of shell mass m allows us to track each parcel and to determine if it is lost due to escape. The criterion for hydrodynamic escape is that the parcel at some t t0 has a velocity greater than its initial radius-dependent escape velocity at t = t0, where t0 is the time at which the shock is launched into the envelope. In order to integrate the equations of motion, we must specify the boundary condition at the base of the atmosphere. Here, following Genda & Abe (2003) , we assume that at t = t0, the ground velocity is given by vg, after which its time evolution is governed by ∂vg/∂t = −GMcore/r 2 . In Section 2.3, we showed that in the inner-disc regime applicable to close-in planets ( 0.1 AU), the atmospheres can be regarded as adiabatic. For our atmospheric-loss calculations, we therefore assume an adiabatic profile [Eqs. (7)] as the initial condition for Eqs. (14) and (15). The adiabatic index γa of Eqs. (7) is not necessarily the same as γ in the hydrodynamic equations. In particular, γ depends on the ionization state of the gas. In our hydrodynamic simulations, we find that the dependence of the solutions on γ is relatively weak, consistent with results from the literature (Genda & Abe 2003; Schlichting et al. 2015) . We thus take γ = γa = 7/5. If we assume an initial adiabatic profile for the atmosphere, subsequent nondimensionalization of the equations of motion shows that the solutions can be parametrized in terms of the envelope to core mass ratio Matm/Mcore and the ratio of the ground velocity to the surface escape velocity vg/vesc.
We solve Eqs. (14) and (15) numerically using a finitedifference, staggered grid scheme with artificial viscosity. The radial dependence is discretized over 300 mesh points, and an adaptive time step is implemented to ensure numerical stability. Integrations are carried out over several hundred thousand time steps in order to ensure convergence. In Fig. 4 , we show the local atmospheric mass-loss fraction χ local as a function of vg/vesc for Matm/Mcore ratios spanning 10 −6 − 10 −1 .
Global Atmospheric Loss
To calculate the global mass-loss due to an impact, we must determine how the ground velocity varies with location on the planetary surface. Given our general ignorance of the internal structure of planetary embryos, we appeal to a simple analytical model which uses momentum conservation of an impact-induced shock as it propagates through the core. Momentum conservation of the shock is consistent with results from smooth particle hydrodynamic simulations of catastrophic impacts (Love & Ahrens 1996; Benz & Asphaug 1999 ). In particular, suppose an impactor of mass mimp collides with a protoplanet of mass Mcore at a speed of vimp. Then if Q * ≡ mimpv 2 imp / (2Mcore) is the specific energy of the impactor, a scaling consistent with constant impactor speed and momentum conservation of the shock yields Q * ∝ Rcore, close to the Q * ∝ R
1.13
core reported by Love & Ahrens (1996) . (A similar scaling assuming energy conservation of the shock yields Q * ∝ R 2 core .) If we consider the impact to be a point-like explosion, the shock wave will propagate radially from the point of impact. The total volume swept out by a shock that has traversed a distance l from the point of impact is then 4π/3 × R 3 core (l/2Rcore) 3 [4 − 3(l/2Rcore)]. This volume is equivalent to that enclosed by the intersection of two spheres, one of radius Rcore and the other (centred at the point of impact) of radius l (Fig. 3) . If this volume propagates with a speed of vs, and if we assume that the core is of constant density, then setting the momentum of the swept-up mass equal to the impactor momentum mimpvimp yields for the speed of the shocked material
. (16) A constant density core is a reasonable first-order approximation given our general ignorance of the interior structure of these bodies during their formation and given the fact that the temperatures at the base of atmospheres have typical values of several thousands to ∼ 10, 000 K. These temperatures are so high that the cores should be well mixed and not differentiated during the giant impact phase. The ground speed vg, which is the projection of vs along the surface normal of the core for a given l, is then given by vg = vs (l/2Rcore), so that after normalizing the ground speed against the escape velocity of the core, we get
(17) The factor l/2Rcore can be rewritten in terms of the angle φ subtended on the spherical surface from the point of impact to a given ground location through the relation l/2Rcore = (1 − cos φ)/2 (Fig. 3) . Since the atmospheric mass-loss fraction is parametrized in terms of the ratio of atmospheric mass to core mass Matm/Mcore (Section 3.1), the global atmospheric mass-loss fraction can be written as
Combining the results in Fig. 4 with Eq. (17), we perform the integration given in Eq. (18) to determine the global mass-loss as a function of vimpmimp/ (vescMcore) (Fig. 5) . 
ATMOSPHERIC EROSION THROUGH THE GIANT IMPACT PHASE
To study the atmospheric mass-loss during the giant impact phase, we construct hypothetical collision histories using the results from Section 3. Fig. 6 shows schematically two impact scenarios that we investigate. On the left side, a series of successive impacts with 0.5M⊕ embryos takes place, while on the right, a series of impacts occurs between equal-mass impactors. The impact histories that we investigate here represent two extremes: one in which the impactor mass is constant such that Mcore/mimp always increases, and one in which equal-size impacts occur (Mcore/mimp = 1).
The actual impact history is likely to be a combination of these two scenarios. We determine the evolution of the atmosphere-to-core mass ratio Matm/Mcore with successive impacts. For impacts between disparate mass bodies, we assume a relative random velocity vran ∼ vesc, so that the impact velocity vimp ∼ √ 2vesc. To calculate the global atmospheric mass-loss of the target, we use the results from Section 3.2 to determine the atmospheric mass-loss fraction for the larger body. For the smaller impactor, we assume that all its atmospheric mass is lost. For impacts between equalsized bodies, there is some ambiguity in how the impact and subsequent atmospheric loss occurs. In this case, we assume that impacts occur at a relative velocity of vimp ∼ √ 2vesc, where vesc is the escape velocity of a single body, and that a shock is launched into each body with a velocity about half the impact velocity, such that vimpmimp/ (vescMcore) ≈ 0.7. We assume that the resulting planet has an envelope with a mass equal to the sum of the remaining envelopes of the two individual impactors.
In Fig. 7 , we show an example of the evolution of Matm/Mcore for each of the two impact scenarios. In this example, we assume that the initial core mass is 0.5M⊕ with the initial atmosphere-to-core mass ratio (Matm/Mcore) 0 = 2 × 10 −3 (see Fig. 2 ). Each marker indicates a separate impact event. The blue triangles indicate the history in which Mcore/mimp always increases. The orange squares represent the case in which all collisions are between equal-mass impactors. If no atmosphere is lost throughout the giant impact history, Matm/Mcore equals (Matm/Mcore) 0 . For a final planet mass of 4.5M⊕ and a collision history in which
Equal-mass impactor 0.5M ⨁ impactor Figure 6 . Example impact histories. On the left-hand side, each impactor has a mass of 0.5M ⊕ , and the planet core grows gradually by successive addition of 0.5M ⊕ impactors. On the right-hand side, each impact consists of a collision between equal-mass impactors. Each giant impact history represents an extreme formation scenario, with a real giant impact history likely to be some combination of the two.
all impactors are 0.5M⊕, our model yields a final atmosphere-tocore mass ratio of ∼ 10 −2 (Matm/Mcore) 0 ∼ 10 −5 . The case in which giant impacts occur between equal-mass impactors, on the other hand, yields a final Matm/Mcore ∼ 10
We have applied the collision histories shown in Fig. 6 to observed exoplanets. In Fig. 8 , we show the atmospheric masses that we obtain for observed close-in exoplanets after a phase of giant impacts. For each Kepler planet, we take its calculated isolation mass (see, e.g., Fig. 1 ) and calculate the initial atmospheric mass accreted by the isolation mass core given its semimajor axis and the corresponding enhancement in gas density relative to the MMSN (see Fig. 1 ). We then perform Monte Carlo simulations to determine the atmospheric mass-loss due to giant impacts. For each planet, we conduct 10 trials. In each trial, a core of initial mass Miso successively undergoes a series of giant impacts with impactors either of its own mass (Mcore/mimp = 1) or with a mass equal to the initial isolation mass Miso (Mcore/mimp increasing). For each collision, we randomly choose which type of impact occurs and assign a probability of (Mcore/Miso)/(Mcore/Miso + 1) that an impact with an embryo of mass Miso occurs. This probability is chosen such that on average, a planet grows equally in mass by merging with equal-size bodies and smaller ones. For each trial, the core undergoes giant impacts until the final, observed mass is assembled. The post-giant impact atmosphere-to-core mass ratios shown in Fig. 8 are the mean of all 10 trials for each planet. The median atmosphere-to-core mass ratio after the phase of giant impacts for observed close-in planets is 8 × 10 −4 and the values for the lower and upper quartile range are 1 × 10 −4 and 6 × 10 −3 , respectively. These values are consistent with terrestrial planet atmospheres and exoplanets that have inferred rocky compositions, but are typically smaller, by an order of magnitude, than atmospheric masses of 1 − 10 per cent inferred from observation for many close-in exoplanets. In situ formation of close-in planets via giant impacts typically does not result in atmospheric masses that are 1-10 per cent or more of the core mass. Figure 8 . Atmosphere-to-core mass ratios for observed close-in exoplanets after a phase of giant impacts. Modelled planets are shown in the figure with small markers, while observed close-in planet atmospheric masses and corresponding semimajor axis ranges (Lopez & Fortney 2014) are shown with large markers. Initial atmospheric masses are calculated assuming observed close-in planets initially accreted gas envelopes in situ as isolation masses (see, e.g., Fig. 1 ) and were then assembled by giant impacts. The giant impact results shown in this figure are the mean of 10 simulations for each planet. The median atmosphere to core mass ratio after giant impacts for a close-in planet is 8 × 10 −4 (blue cross), with a lower and upper quartile range of 1 × 10 −4 and 6 × 10 −3 , respectively.
we investigate now the importance of gas accretion after assembly has taken place. In this case, the analysis presented in Section 2 still holds with slight modification. In order for giant impacts to proceed, the gas surface density in the disc will have had to decrease, so that Σg ∼ Σs (Goldreich et al. 2004 ). In the full disc, the excess of gas relative to solids can effectively limit giant impacts from proceeding by damping out the large eccentricities required for them. It is only after a sufficient amount of gas has been dissipated from the disc that giant impacts can proceed. Therefore, in order to calculate the masses of envelopes accreted after giant impacts, we take the gas surface density to be 200 times smaller than before the giant impact phase. For our opacity calculations, we assume that the gas-to-dust ratio is still 200.
In Fig. 9 , we show Matm/Mcore for gas accretion after giant impacts for two limiting cases. In thick solid lines, we show the case in which L = Lacc. Here, we assume that the gravitational potential energy resulting from the last mass doubling of the planet by giant impacts is released over the disc dissipation time-scale, so thatṀcore = 0.5Mcore/τ diss , where we take the disc dissipation time-scale τ diss ∼ 800 kyr (Hillenbrand 2005) . In thin dashed lines with circular markers, we show the case in which Lacc = 0 and the evolution of L is governed by Eq. (13). In this case, we cut off gas accretion at τ diss .
In contrast to envelope accretion from a full gas disc investigated in Section 2, in the case of a dissipating gas disc, the gas densities and opacities are now sufficiently low such that the envelope can cool, contract, and accrete more atmospheric mass over the disc dissipation time-scale if Lacc = 0. In this case, atmospheres containing several per cent of the planets' total mass can be accreted. The Lacc = 0 case is likely an upper limit since planetesimal accretion very likely continued after the giant impact stage and since the giant impacts themselves will give rise to significant core luminosity. The magnitude of the core luminosity is highly uncertain since it depends on the viscosity of the core, which is unknown. If the gravitational potential energy resulting from the last mass doubling of the planet is released over the disc dissipation time-scale, then the accreted envelope masses are reduced by about an order of magnitude compared to the Lacc = 0 case (see Fig. 9 ).
While the two limiting cases we explore here show a plausible range of atmospheric masses, atmospheric masses exceeding several per cent seem difficult to accrete from a reduced gas disc after giant impacts. Post-giant impact accretion does not seem to be capable of producing atmospheric masses exceeding several per cent of the core mass.
DISCUSSION AND CONCLUSIONS
How and where close-in super-Earths and mini-Neptunes formed is one of the outstanding problems in planet formation. It has been proposed that close-in super-Earths and mini-Neptunes formed in situ either by delivery of 50 − 100M⊕ of rocky material into the inner disc (Hansen & Murray 2012) , or in a disc enhanced relative to the MMSN (Chiang & Laughlin 2013) . In both cases, the final assembly of the planets occurs via giant impacts.
Here, we investigated the atmospheric masses that close-in planets can achieve before, maintain during, and accrete after giant impacts and compared these atmospheric masses with observations. First, we have found that the atmospheres accreted by isolation masses are small. For a typical close-in planet isolation mass of ∼ 0.6M⊕ at 0.1 AU (Fig. 1) , the atmosphere-to-core mass ratio Matm/Mcore is about 10 −3 − 10 −2 (Fig. 2) . This value is already less than atmospheric masses of up to 1-10 per cent inferred for a significant fraction of close-in super-Earths and mini-Neptunes. Additionally, the Matm/Mcore ratio is reduced further by a factor of ∼ 10 −2 − 10 −1 due to giant impacts, leading to median atmosphere-to-core mass ratio after giant impacts of 8 × 10 −4 with a lower and upper quartile range of 1 × 10 −4 and 6 × 10 −3 , respectively. Such values are consistent with terrestrial planet atmospheres but more than an order of magnitude below atmospheric masses of 1 − 10 per cent of the total planet mass inferred for many close-in exoplanets. Finally, we considered the accretion of gas envelopes by fully-assembled cores after the phase of giant impacts. In this case, we have found that in the best case scenario where there is no core luminosity from giant impacts, accreted atmospheric masses are at best several per cent (Fig. 9) . If the gravitational potential energy resulting from the last mass doubling of the planet by giant impacts is released over the disc dissipation timescale as core luminosity, then the accreted envelope masses are reduced by about an order of magnitude compared to the Lacc = 0 case. We note that the atmospheric masses we have calculated here should be regarded as upper limits since we have ignored other mass-loss mechanisms such as photoevaporation (Lopez & Fortney 2013; Sanz-Forcada et al. 2011 ) and tides (Gu et al. 2003) .
In addition to the results presented above, another challenge with in situ formation is the time-scale in the inner disc associated with radial drift of the isolation masses into their host stars due to gas drag. The time-scale for radial drift τ drag due to gas drag in the Stokes regime is
where CD ∼ 1 is the drag coefficient. Here, n is the power law Figure 10 . Radial drift time-scales τ drag due to gas drag for isolation masses calculated from close-in Kepler planets (see Fig. 1 ). Markers are coloured based on observed semimajor axis. For many systems, the radial drift time-scale is short compared to typical disc time-scales of 1 − 10 Myr (shaded region), suggesting that these isolation masses will drift into their host star before giant impacts proceed.
index that describes the radial pressure profile in the disc, such that P disc ∝ a −n . Using the disc model we detail in Section 2.2, we find that n = 3 when a 0.1 AU and that n = 10/3 when a > 0.1 AU. In Fig. 10 , we show τ drag for observed close-in exoplanet isolation masses at their observed semimajor axes. To calculate τ drag , we use the isolation masses and density enhancements relative to the MMSN shown in Fig. 1 , while to calculate the radius of the isolation mass, we use Eq. (5). Fig. 10 demonstrates that a large fraction of isolation masses is expected to drift into their host stars for typical disc lifetimes ranging from 1 − 10 Myr (shaded region). Thus, even without accounting for type I migration, this short time-scale for inward radial drift due to gas drag presents an impediment to in situ formation.
Lastly, while we have found that it is challenging to form close-in planets with atmospheric masses that are at least several per cent of the their total mass in situ with giant impacts, it may be possible that such planets reached their fully-assembled cores by planetesimal accretion facilitated by radial drift, thereby bypassing the giant impact phase altogether (Lambrechts & Johansen 2012) . Recent work, however, suggests that planetesimal accretion results in oligarchic-type growth similar to that which also leads to the formation of isolation masses (Kretke & Levison 2014) .
Given the challenges with in situ formation of close-in planets with massive atmospheres discussed above, we favour the possibility that they formed further out in the disc and migrated inwards to their current location. Formation at semimajor axes of a few AU does not require significantly enhanced disc masses compared to the MMSN (Schlichting 2014 ) and the formation time-scale, migration time-scale and disc lifetime are comparable, circumventing the need for extreme fine tuning.
